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This thesis has investigated the chemical evolution of the inner regions (r < 10
AU) of a modelled protoplanetary disk surrounding a low-mass T Tauri star; a
phase our own solar system underwent some 4.5-4.6 billion years ago. A 1+1-
dimensional physical model of a radially-accreting protoplanetary disk was com-
bined with a chemical model consisting of gas-phase reactions extracted from the
RATE9S5 UMIST database for Astrochemistry, and to this, a network of gas-grain
interaction and deuterated reactions were added.

Influenced by the knowledge that radionuclides may have been abnormally abun-
dant in our early solar system compared with the interstellar medium, and that the
energy expelled from their decay is sufficient to ionize molecules, a 1-dimensional
simulation along the disk midplane was performed, comparing the chemistry with
and without radionuclides, as a function of the radionuclide ionization rate. The
molecules C4H,, HC;N, C;H, HCN, CHy4, C,H, and N, were found to be particu-
larly sensitive. Of these, HCN and C,H, have already been detected in protoplane-
tary disks.

Motivated by observations which suggest that T Tauri systems vary from faster
to slower accretion rates, the chemical distributions of two disks with stellar accre-
tion rates of 1077 My, yr~! and 107 M, yr~! were compared. Allowing the mass

accretion rate (and thus physical conditions) to vary in time, starting from 107" M,
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yr~!, and evolving to a mass accretion rate of 107 My, yr™!, the molecules CN,
HCN, H,CO and NH; were found to be particularly sensitive when compared to a
standalone 10~® My, yr~! simulation.

With the use of a 1-D CASA LTE algorithm for ALMA, the sensitivities of
HCN and H,CO were transcribed into integrated intensity differences, as a function
of emissivity and optical depth. The largest differences were associated with the
largest feasible transitions of HCN and H,CO; J = 8-7 and Jx = 10¢19-9¢9 respec-
tively, but could not be converted into potentially observable integrated fluxes due
to the restrictions of this model. Both molecules were found to trace different re-
gions of the disk.

Using the stellar accretion rate-to-age linear relation evaluated from observa-
tions, the calculation times for the 1077 M, yr~! and 107® M, yr~! were re-evaluated,
of which CN and NH; emerged as the most sensitive molecules. Thus, CN and NH;

may be a possible tracer of calculation time, and disk age.
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1: INTRODUCTION

CHAPTER 1

Introduction

1.1 Overview

Astrochemistry is the study of chemistry in interstellar space. It is fundamental in
understanding current and evolutionary states of interstellar phenomena, achieved
by observing both the unique discrete spectra of the various molecules contained
within. These phenomena are otherwise very difficult or in some cases, impossible
to analyze by other means. Particular examples include probing areas of high-mass
star formation through masers (e.g. Pestalozzi et al. 2002), and T-Tauri stars with
their associated circumstellar and protoplanetary disks (e.g. Dutrey et al. 1997a), all
of which are encased in photon-absorbing dust.

Whilst the birth and death of stars have significant implications for the future
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1: INTRODUCTION

structure of galaxies and daughter stars of higher metallicity, the latter stages of star
formation can result in a protoplanetary disk of complex chemistry and eventually
a system of planets. It is for this reason motivationally that protoplanetary disks
are fascinating objects to study; the stepping stone for planetary systems to form,
and perhaps life itself to develop. We, as astrochemists are constantly attempting to
piece together how and why.

This thesis focuses on the topic of protoplanetary disks around T Tauri stars
during a period which our own solar system evolved from, around 4.6 billion years
ago, prior to the planet-forming era. During this time, the T Tauri star is thought to
actively feed on, or accrete material from its surrounding protoplanetary disk, when
the typical age of the system is between 1 and 10 million years old (e.g. Hartmann
etal. 1998). Specifically, this thesis presents calculated chemical data from the inner
(r < 10 AU) planet-forming region of a modelled protoplanetary disk surrounding
a 0.5 Mg T Tauri star. It is organized into five chapters. To provide a flavour of
how and where protoplanetary disks fit in to the cycle of stellar birth and death,
the remainder of this first chapter briefly outlines the current understanding of the
dynamical and chemical transition towards the protoplanetary disk stage, starting
from dark clouds, to molecular clouds and finally to the penultimate pre-stellar core
phase. The second chapter describes the combined physical and chemical compo-
nents/parts of the protoplanetary disk model used to calculate the chemical results
in detail. The third chapter discusses the potential ionizing effects of decaying ra-
dionuclides; in particular, 26Al, thought to have been up to six times more abundant
in our early solar system than in the interstellar medium, and the subsequent en-
hancement in ion-neutral chemical reactions in the densest disk regions with their
presence as a function of ionization rate, where all other forms of ionizing radiation,
with the exception of cosmic-rays are significantly attenuated. The fourth chapter
presents the results of an investigation which chemically simulates evolution from

a higher, 1077 M,, yr~! stellar accretion rate earlier in time, to a lower, 107 M,
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yr~! later epoch. This thesis is then concluded with a detailed discussion of future
work in the field of astrochemistry, and a summary of the main points covered in

this thesis.

1.2 The chemistry of protoplanetary disks — why do
we have to model?

Protoplanetary disks (PPDs) are circumstellar disks of gas and dust ranging from
200 — 1000 AU in radius, and temperatures of 10 — 3000 K, rotating around a young
central protostar — a phase our own solar system went through some 4.6 billion years
ago. They are vital objects in the low-mass star formation process, firstly because
they allow for accretion onto the Young Stellar Object (YSO), and secondly because
they transport angular momentum away from the YSO.

Observations of molecular clouds and star-forming regions are used to set con-
straints on the type of chemistry evolving in the later PPD. PPDs contain a wide
variety of molecular species, neutral atoms and atomic ions. Our current knowledge
of the chemistry they contain is based on the improving observations of extra-solar
PPDs in our galaxy, in addition to the extensive study of our own solar system (i.e.
the chemical makeup of the Sun, the planets, comets and meteorites). The PPD en-
vironment is suitable for complex chemistry to develop over many millions of years.

However, with the exception of data currently extracted from comets (e.g. Mumma
& Charnley 2011), our solar system has evolved too far beyond the PPD phase to
directly observe its chemical structure, so one has to use numerical models to sim-
ulate these conditions.

Of course, for modellers to model anything, they require a certain set of con-
straints drawn from fundamental physics, experiments in the lab, and PPD data
taken from observations made with telescopes such as Spitzer. With the ever-

improving spectral and spatial resolutions of these observational devices telling us
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something new or different to previous findings, whether it be features or processes,
newer models tend to incorporate as much of this information as possible to ensure
that chemical calculations and results are both up-to-date and feasible. Section 2.1
provides a brief chronological overview of some of these PPD models over the last
decade.

At the same time, the results from models are used to pin down the next set
of interesting features or processes to be observed and studied. Since these fea-
tures and processes cannot be observed directly (the exception being “disk gaps” -
see Section 4.2), chemical tracers are instead established, where the abundance of
certain observable molecules, or the molecular abundance ratio may be shown to
correlate with the prominence of a given modelled process (see Table 1 Semenov

2011). The results of chapter 3 and chapter 4 in this thesis are two such examples.

Figure 1.1: Left: Artist impression of a typical PPD surrounding a star
(http://keckobservatory.org/gallery/detail/25/). Right: Hubble Space Telescope
(HST) Wide Field and Planetary Camera 2 image of protoplanetary disks (or “pro-
plyds”) observed around five YSOs in the Orion Nebula M42; 29 December 1993
(http://messier.seds.org/more/m042 _hst.html).
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1.3 A brief history of interstellar chemistry

1.3.1 Progenitor chemistry

Hydrogen is the most abundant element in the universe. The most abundant al-
lotrope of hydrogen is its molecular form, H,, followed by its more reactive radical
form, atomic hydrogen (H). In combination with its low proton affinity, H, will re-
act rapidly with everything bar He* (Herbst & Klemperer 1973). Arguably two of
the most important interstellar reactions involving H, are its destruction to form the

hydronium (H;*) ion:
H2+ + H2 — H3+ + H,

which goes on to drive ion-neutral reactions, and its formation on grain-surfaces

(see Section 2.2.2) from atomic hydrogen:
H + H + grain — H; + grain.

After H,, the next most abundant molecules in the interstellar medium are carbon
monoxide (CO) (e.g. Dickman 1978), whose atomic C radical formed from ioniza-
tion is extremely reactive, and helium (He), which although is inert in nature be-
comes reactive once ionized by cosmic-rays (Herbst & Klemperer 1973). All other
molecules now known to exist in the interstellar medium make up the relatively

minuscule remaining fraction.

1.3.2 Observations

The study of interstellar molecules is still a relatively recent subject in astrophysics
(see Rank et al. 1971, for a review). The characteristic 21 cm (1420.4 MHz) line
of H, was only first observed in 1951 (Ewen & Purcell 1951). In fact, towards the
later 1930s, CH*, CH and CN had already been discovered from high-resolution

observations of bright blue stars in the ultraviolet (UV) part of the electromagnetic
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Table 1.1: Typical diffuse cloud, dark and molecular cloud, and protoplanetary disk

par ameters.
Parameter Diffuse = Dark and Molecular PPDs
Temperature, T’ 100 K 10-50 K 10-3000 K
Molecular density, n 102 cm™3 102-10° cm™3 103-10% cm™3
Hydrogen Allotrope Atomic Molecular Molecular
Visual Extinction, A, (Mag) 2 >5 0.01-1000
Tonization Fraction, X(e™) 104 1078 10~12-1073

spectrum. In 1963, OH was discovered in the radio as was NH; in 1968. By 1971,
the total number of detected molecular species reached almost 20. Today the most
up-to-date chemical databases (e.g. Smith et al. 2004; Woodall et al. 2007; Wakelam
2009), together with the inclusion of isotopologues and deuterated species, span
over 600 species, including CH, and various organic molecules such as the alcohol
methanol (CH;OH) and formaldehyde (H,CO). More complex molecules such as
ethane, (C,Hg) ethanol (C,HsOH) and glycine (e.g Ohishi 2008) will inevitably be

added to future chemical databases.

14 From dark clouds to protoplanetary disks

PPDs are just one period of many phases in the cosmic recycling process of stars.
This sub—section highlights some of the important processes that take place at each
step along the way to the formation of a T Tauri star and its associated PPD. Table
1.1 compares the approximate values of some typical parameters associated with
diffuse, dark and molecular clouds (taken from Millar 2005) and protoplanetary
disks.

When a star with mass less than 9 M, runs out of hydrogen to fuse, it undergoes
ared giant phase, joining the Asymptotic giant branch (AGB), incurring significant

mass loss during the outgrowth. The core becomes a white dwarf whilst the outer
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layers diffuse outwards to form a planetary nebula. The material contained within
is enriched with various elements heavier than H and He and excited by emitted
radiation from the core. This enrichment is the principal process for increasing
metallicity in the next generation of forming stars. The spectrum observed can
include ’forbidden lines’ (e.g. Simpson 1975) due to regions of extreme low density
where electrons excite to metastable states; environments not possible to reach at
higher densities. The material cools over time (10* years) and forms a diffuse cloud.
The likelihood of these nebulae evolving into potential star forming regions can be

quantitatively estimated by modifying the general form of the Virial theorem:

p-_LE (1.1)

A
where P is the volume-averaged pressure, Eg the gravitational energy and V the vol-
ume (e.g. Collins 1978; Phillips 1994), and forming an equation for the Jeans mass;
the minimum or critical mass, M., necessary for localized gravitational collapse to
occur. It is given by the inequality:

3/2 1/2
M, > kT 3 , (1.2)
G/H’I’ZH 47Tpc

as in Phillips (1994), or more usefully:
M, > 7.598x10*' T3/ 2p 12 (1.3)

where T is the gas temperature, 4 the mean molecular weight of H, (~ 2.8) and p,
the critical density. For a cloud that exceeds this mass threshold, given the known
temperature, molecular weight and critical density parameters, it is likely that the
cloud in question will become fragmented, regions of the cloud collapsing under
gravity due to general inhomogeneity, eventually forming a dense core. Given
enough material to accrete, a star can form in these fragmented centres (Phillips

1994).
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1.4.1 Diffuse clouds

Diffuse clouds are the first evolutionary step leading to star formation. Their low
densities (10> cm™) and visual extinctions (~ 2 Mag) enable interstellar radiation
(optical, UV and cosmic-rays) to completely penetrate through their interior since
H, and dust are unable to self-shield effectively. Hence they consist mostly of
atomic and ionized hydrogen; H and H* (Millar 2005), and the ionization fraction,

X, given as a function of electron density n(e™) and hydrogen density n(H):

_n(e)
~ n(H)’

X(e) (14)

is large for diffuse clouds (~ 10™). This high degree of ionization is also the
reason for their relatively warm temperature, ~ 100 K. The high ionic abundance
leads to rapid reactions between atomic ionic radicals such as C*, S*, and neutral
molecules, whilst the high electron abundance enhances atomic hydrogen recom-
bination, and reformation of H, on dust grains. Diffuse clouds undergo significant
atomic ion population loss over time to diatomic species such as CN, CN*, OH,
CH and CH" (Solomon & Klemperer 1972; Millar 2005). The fully-penetrating, in-
tense radiation-field though the cloud prevents the buildup of larger molecules such

as hydrocarbons at this stage of evolution.

14.2 Dark clouds and giant molecular clouds (GMCs)

As the cloud cools, the temperature drops and the cloud contracts. As density rises,
so does molecular surface shielding from penetrating radiation (A, increases from
~ 2 to ~ 5 Mag). Consequently the overall ionization fraction reduces from around
10~* to 107%. There comes a point where UV radiation cannot penetrate the interior
of a cloud appreciably, and only cosmic rays can. Chemistry is therefore principally
driven by cosmic-ray ionization reactions involving H,, CO and He, and also by
proton-transfer reactions involving the hydronium ion H;* (Herbst & Klemperer

1973; Woodall et al. 2007). Low temperatures ~ 10 K can be achieved due to the
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balancing of cosmic-ray heating and molecular emission cooling (e.g. Goldsmith
& Langer 1978), which in turn induces freeze-out onto grain surfaces (see Section
2.4.2). As a result, the dominant hydrogen allotrope switches back to H,. The
low temperature, high density and high extinction conditions of dark clouds, in
combination with the prevalence of ion-neutral reactions initially induced by cosmic
rays, all favour the formation of more complex, volatile molecules over time (giant

molecular clouds, or GMCs).

14.3 Pre-stellar core collapse

Typical GMCs, with the required parameters to exceed the Jeans mass, undergo

3 around

density gradient fragmentation consisting of dense clumps ~ 103-105 cm~
1 pc in diameter, encased in a 10>-10° cm™ inter-clump medium (Evans 1999).
Clumps themselves consist of denser > 10> cm™ cores of ~ 0.1 pc diameter (Mark-
wick & Charnley 2004). These clumps are thought to undergo gravitational collapse
and form pre-stellar cores. Cores then grow by accreting material from their sur-
rounding envelopes. Ultimately, an accreting core’s ability to continue to collapse is
dependent on its ability to radiate away stored gravitational potential energy, which
is achieved through molecular excitation and emission. During this phase, the cloud
parameters change. Collapse increases density and, if the collapsing system is con-
sidered isothermal (where the heating from gravitational compression balances the
radiative heat loss; see Gaustad 1963), the Jeans mass will decrease. But what ini-
tiates collapse, and the dynamics involved are still uncertain.

Cores are not thought to collapse freely, and are instead impeded to some extent
by the presence of resistive magnetic and turbulent processes. The precise details
remain debated in the literature, with differing opinions as to the exact timescales
of collapse in the presence of these processes which oppose gravity (see Markwick

& Charnley 2004, for a review). Two theories are currently proposed. Briefly, the

Standard Model (see Shu et al. 1987) points to an initial stuttering phase caused by
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magnetohydrodynamical (MHD) turbulence (highlighted in Section 3.3) which then
decays away (via ambipolar diffusion) after several million years, followed by free-
fall core collapse. This extends the total collapse timescale to ~ 107 years, which
is longer than the apparent 1-4 million year age limit of T Tauri stars still encased
in molecular cloud gas which signifies the end of this stage of evolution (Hartmann
etal.2001). The Driven Supersonic Turbulence (DST) model was instead suggested
by some as a means to satisfy the core-collapse time-frame criterion, decaying more
rapidly than MHD turbulence, with a larger proportion of the collapse occurring un-
der free-fall (e.g. Larson 2003).

The extent of core density increase with core radius over time has also been de-
bated. The Singular Isothermal Sphere (SIS) density model (see Shu 1977) suggests
a p o r* distribution which leads to core collapse from the inside out. However some
MHD studies have questioned its feasibility (e.g. Desch & Mouschovias 2001),
with observations (e.g. Bergin et al. 2002) instead fitting closer to the Bonner-Ebert
uniform-density sphere distribution of the Larson-Penston (LP) model (see Larson
1969 and Penston 1969). The chemical evolution of both radial-density core col-
lapse schemes has been modelled and compared in the past (e.g. Aikawa et al. 2001;
Rodgers & Charnley 2003).

Initially a pre-stellar core is cold enough for molecular species to be frozen-out
onto grains and depleted from the gas, particularly for outer regions of the envelope.
Here, most C, N and O species are hydrogenated, where molecules such as CO, (e.g.
Pontoppidan et al. 2008), CH, (e.g. ()berg et al. 2008a,b), NH; (e.g. Bottinelli et al.
2008) and CH;OH (e.g. Gibb et al. 2004; Watanabe et al. 2006; Boogert et al. 2008)
can form on grain surfaces. As the core evolves, and envelope material is accreted
inward, temperatures do eventually increase and molecules are desorbed into the
gas. At the same time, the higher density increases molecular collision rates, and
certain molecules such as HCO* and N,H™" are depleted, which can be traced (van

Zadelhoff 2002).
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14.4 Star formation

The next phase involves the formation to a low-mass (0.5 - 2 M) star when the
conditions (temperature, pressure, density) are high enough for hydrogen fusion
to begin. To do so, they traverse through a pre main sequence (PMS) path, often
termed the Hayashi track (Hayashi 1961). Probing the evolution directly from the
pre-stellar core to low-mass star phase is impossible since the surrounding envelope
of gas and dust efficiently absorbs the optical and UV light emitted from the cen-
tral object, rendering it optically invisible; it is only once the star begins hydrogen
fusion, and the envelope and later disk is cleared away, that they become optically
visible. Instead, the pre-stellar phases are probed indirectly, where dust grains are
heated to an equilibrium temperature where the emission and absorption per grain
become equal, and emit in the more continuous infra-red and sub-mm regions of the
electromagnetic spectrum, often termed spectral energy distributions (SEDs). The
evolutionary phases are often categorized into four classes (Class-0 to Class-III),
each associated with distinct SEDs (e.g. Figure 1.1 in van Zadelhoff 2002). Figure
1.2 displays an annotation of the these classes.

In summary, Class-0 represents the initial pre-stellar core collapse phase high-
lighted in Section 1.4.3. It is also termed the main accretion phase, and is defined by
the epoch when a collapsing central core accretes from a much larger and more mas-
sive spherical envelope, around the size of ~ 10000 AU (Shu 1982; van Zadelhoff
2002). Class-I, known as the late-accretion phase, begins around 10* to 10° years
after Class-0, and is associated with an enveloped optically thick molecular cloud
approximately 11—0 the mass of the now central protostar, where a powerful bi-polar
outflow jet has cleared away the majority of the envelope mass. It also signifies the
initial formation of a centrifugally-supported disk near the centre, where the angular
momentum L of the rotating envelope forces accretion of material into a flattened
plane perpendicular to L (Terebey et al. 1984). Class-II (10° - 10° years after Class-

0) signifies the advanced formation and flattening of a well-mixed protostellar disk
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Figure 1.2: The evolution of a pre-main sequence star. Taken from Shu (1982), with
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of gas and dust typically between 200 - 1000 AU in radius, and the consequent
widening and dissipation of the main outflow cavity. At this stage the central ob-
ject has evolved into a classical-line T Tauri star (CTTS), which may be optically
visible depending on the angular view with respect to Earth. By Class-III (10° -
107 years after Class-0) the CTTS becomes a typically-referred weak-line central
T-Tauri star (WTTS). Stellar accretion slows considerably, and localized accretion

and coagulation processes within the disk gradually result in the transition from a
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debris disk containing little gas, to one containing planetesimals which, by com-
pletely sweeping-up the surrounding disk material, will go on to form planets and
comets (Shu 1982; van Zadelhoff 2002; Markwick & Charnley 2004). Later epochs
represent the phases of optically-visible main-sequence stars which have ceased ac-
creting, and an associated system of orbiting planets housed in a fully cleared disk
~ 50 - 100 AU in radius.

This thesis particularly focuses on the chemical constituents of PPDs which ex-
ist between the Class-1I and Class-1II stages, where the process of stellar accretion
is beginning to slow, and grain-settling and coagulation has not yet taken place (i.e.

gas and dust are well-mixed).

15 PPDs

Early observations of CO towards Class-II T Tauri stars (e.g. Cohen 1983; Adams
et al. 1988; Keene & Masson 1990; Koerner et al. 1993; Lay et al. 1994; Guilloteau
& Dutrey 1994; Dutrey et al. 1994) in our galaxy revealed chemical material rotat-
ing in a disk structure around them. Since then, other molecules have been observed
in many T Tauri disks. A summary of molecular species detected so far in various T
Tauri disks is shown in Tables 4.1 and 4.2 of Section 4.3. Like in pre-stellar cores,
observations of molecules in PPDs are established from a molecular line emission
spectrum (SEDs), primarily in two wavelength regimes. Infra-red (IR) wavelength
emission originates from vibrational transitions of gas-phase molecules in warm (7'
> 200 K) environments. Sub-mm wavelength emission is generated from molec-
ular excitation and relaxation of rotational energy levels, in colder astrophysical

environments such as dark and molecular clouds (10 K < T < 200 K).
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1.5.1 Physical structure

The physical disk structure of PPDs has also been interpreted from their SEDs. Ge-
ometrically flat, pancake-shaped disks (e.g. Lynden-Bell & Pringle 1974; Friedjung
1985) were initially proposed as a means of explaining how a disk of constant depth
is heated by radiation from the central star. These assumed that the disk height was
very much smaller than the disk radius, and most of the disk material was confined
to the rotation plane. However, Rydgren & Zak (1987) first noted IR luminosity
excesses larger than previous flat spectral measurements made with the IRAS ob-
servatory. Adams et al. (1987) suggested this could only be explained by an intrinsic
heating process from within the disk itself which results in the flaring or puffing-up
of the warmer upper layers of the outer region, and hence a larger interaction area
with the incident stellar radiation from which the resulting excess emission is de-
tected. A flared disk model was first proposed by Kenyon & Hartmann (1987) and
most notably considered in Chiang & Goldreich (1997) with particular reference to
the observed GM Aur system. Nowadays most 2-D models consider a physically-
flared disk (such as the model used in this thesis; see Section 2.2). Figure 1.3 in van

Zadelhoff (2002) compares the SED profiles for a flat and a flared disk.

1.5.2 Chemical structure

Molecular observations have led to a common 2-D chemically-stratified structure
for PPDs, first proposed in Aikawa & Herbst (1999). Briefly, this consists of three
vertical zones: a photon-dominated surface layer, a warm-molecular layer and a
cold, icy midplane (Figure 1.3). The photon-dominated surface layer is directly ex-
posed to stellar UV and X-rays, and interstellar UV and cosmic rays. Chemistry
here is typically governed by photodissociation and ionization reactions; particu-
larly in the hot (7" < 1000 K) inner 1 — 2 AU region, made up of simple atoms and

cations such as H", C, C*, O and N. Deeper down, the warm-molecular layer is
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typically composed of H,, CO and hydrogenated molecular species such as NHj3,
HCN, H,0, H,CO and CH;OH, which persist because of the increased shielding
from the upper layers of the disk. Regions of the outer midplane (r > 20 AU, T
~ 10 - 20 K) are cold enough for most species to freeze out onto dust grains. At
smaller radii, temperatures become sufficient to desorb molecules into the gas; the
exact point of which is termed the snow-line, and is different for each molecule (see
Section 4.2). When T > 1000 K (r = 1 AU), dust itself begins to evaporate (e.g.
Markwick et al. 2002) and is commonly termed the inner dust rim (e.g. Dullemond
& Monnier 2010). Hotter regions are thought to consist of atomic gas and plasma.
So far there have been no sub-mm observations of the inner (» < 10 AU) re-
gions of disks, which are associated with the deeper, planet-forming zones (e.g.
Bergin 2009). The Atacama Large Millimeter Array (ALMA), initiated in 2013,
will have both the spectral and angular resolution to probe these r < 10 AU regions
of various T Tauri systems in the sub-mm range (van Dishoeck & Jgrgensen 2007,
van Dishoeck 2009). There are likely to be many more complex and less abun-
dant molecules which have not yet been detected, particularly more exotic organics
such as direct precursors to amino acids, which are currently seen in comets (e.g.
Kobayashi et al. 1995; Charnley et al. 2010). Cooler regions around the midplane
are likely areas for such molecules to form on grains, which may then be accreted
inward to hotter regions where they are desorbed into the gas. It is hoped that

ALMA will detect these.

1.5.3 Accretion

A PPD is an essential feeding source for the central protostar to condense, grow and
evolve. The extent of gas and dust accreted from the surrounding disk to the central
star is quantified by a stellar accretion rate, measured in solar masses per year (Mg
yr~1). Various observations of PPDs around T Tauri stars in Taurus and Chamaeleon

I molecular clouds have determined that stellar accretion rates vary between 10~
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M, yr! and 107!1° M, yr~! for disks between the ages of 1 and 10 million years old,
after which accretion halts, and the star enters the Main Sequence (Hartmann et al.
1998). The physical structures of two such stellar accretion rates, 10~ My, yr~! and
1078 M, yr~!, are considered in this thesis.

A given star cannot absorb all the angular momentum associated with accreted
disk material since it would gain unrealistically fast spin rates which do not coin-
cide with current ideas of stellar evolution (Lynden-Bell & Pringle 1974). Instead,
the accreted material’s angular momentum is transferred “outward” to the rest of
the disk. Processes which allow angular momentum transfer imply that disks are
turbulent, viscous, fluid-behaving mediums, rotating in a differential manner. These
intrinsic processes generate heat known as viscous dissipation (discussed further in
Section 2.3.2), in addition to the conventional heating processes from stellar and

interstellar radiation.

154 Dynamics: magnetohydrodynamic turbulence (MHD)

Many works have noted that molecular viscosity alone is too inefficient at redis-
tributing angular momentum to justify the large accretion rates observed in disks,
and that some form of additional intrinsic turbulence must be responsible (e.g.
Gammie 1996). Several forms have been proposed in the literature (e.g. Lin &
Papaloizou 1980; Klahr 2004; Shalybkov & Riidiger 2005), but the most regarded
is magnetohydrodynamical (MHD) turbulence, which is induced by magnetorota-
tional instability (MRI; Balbus & Hawley 1991; Hawley & Balbus 1991). The gen-
eral MRI criterion was first theorized in Velikhov (1959), and is generated when the
magnetic field tension, between radially-adjacent gas layers rotating apart, increases
over time as the angular velocity decreases with radius and angular momentum is
transferred outward through the disk, generating MHD turbulence. Balbus & Haw-
ley (1991) were the first to note that even a relatively weak primordial magnetic

field was able to induce MRI in a differentially rotating Keplarian-based PPD.

42



1: INTRODUCTION

The degree of chemical ionization in PPDs is crucial in producing MRI. Briefly,
MRI is thought to be promoted in the plasma-rich upper regions of the disk, where
the presence of a primordial magnetic field (present in pre-stellar dense cores (e.g.
Girart et al. 2006) and important in star formation (e.g. Shu et al. 1987)) permeating
throughout the disk is able to interact with the rich sea of electrons and cations.
The extent of MRI is reliant on the “coupling” strength of the magnetic field to
the plasma, which itself depends on the electron and cation abundance relative to
neutral species which have not been ionized. This degree of coupling between the
plasma and magnetic field is therefore often quantified by the ionization fraction
given in Equation (1.4), or an extended version defined in Gammie (1996):

x(e) = Ze . (i)l/z, (1.5)

ny  \fnu
where ( is the photoionization rate, and S is a typical dissociative recombination
coefficient, 7 = 8.7 x 1075 T71/2 cm? s7! (Glassgold et al. 1986). Others also prefer
to define the coupling degree in terms of a magnetic Reynolds number, Rey;, also

defined in Gammie (1996) as:

VaH

Rey = (1.6)

Here, V, ~ a'/?c; is the Alfven speed as a function of the viscosity parameter a and
the sound speed ¢y, H is the disk scale height defined by H = ¢,/Q, where Q is the

Keplerian velocity as a function of radius, and 7 is the magnetic resistivity:
n=(65x%x10%)x(e) cm’s!, (1.7)

as derived in Hayashi (1981).

1.5.5 Dead zones

MHD turbulence from MRI does not always occur everywhere in PPDs. Theoretical

models of PPDs have shown turbulence to exist only in regions where x(e) or Rey is
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above a critical level; that is, where the gas is sufficiently ionized that it couples to
the magnetic field. Most authors define this critical value in terms of x(e), between
the values 1072 (e.g. Semenov et al. 2004; Willacy & Woods 2009; Walsh et al.
2012) and 107"3 (e.g. Gammie 1996), and Rey; > 100 (e.g. Sano & Stone 2002; I1-
gner & Nelson 2006b). Many works have found “dead zones” (e.g. Gammie 1996)
located in the most dense inner midplane region, where the ionization fraction is
so low (x(e) < 107!2 or Rey; < 100) that the majority of the gas is decoupled from
the magnetic field, and inward stellar accretion flow may be inhibited (e.g. Sano
et al. 2000; Fromang et al. 2002a; Semenov et al. 2004; Ilgner & Nelson 2006a.bc;
Turner et al. 2007; Turner & Sano 2008; Zhu et al. 2009; Willacy & Woods 2009;
Umebayashi & Nakano 2009; Dzyurkevich et al. 2010; Fogel et al. 2011; Vasyunin
et al. 2011; Walsh et al. 2012). Dead zones may not be completely “dead” in the
full sense since a small fraction of waves from the surrounding turbulent zones may
penetrate the dead zone, and still generate small rates of accretion (Turner & Sano
2008). This may well be the case when vertical-mixing processes are considered in
models.

Dead zones vary in size and location depending on the model. In some works,
a general increase in the outer dead zone boundary radius at the midplane, 7,
with disk mass was found since the number of charged particles at the midplane
decreases with surface density. Sano et al. (2000) studied the dead zone in three
models (0.3, 3 and 10 times the minimum-mass solar nebula (MMSN) density dis-
tribution) and established an enlargement with surface density. Willacy & Woods
(2009) found a marked increase in the size of the dead zone at the midplane (from
an outer “critical” radius ry; ~ 8 AU to 18 AU - the orbit of Uranus) between their
a =001 and o = 0.025 models (the latter of which is more applicable to the so-
lar system mass). Studies have also concluded a link between dead zone and dust
grain size, whereby smaller grains recombine with more free electrons, due to their

combined larger surface area, than larger ones. Turner & Sano (2008) compared a
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MMSN protostellar disk with » = 1 ym grains and no grains and found the dead
zone to disappear altogether in the latter. There has also been suggestion of a de-
crease in dead zone size with increasing photoionization rate, with separate studies
on cosmic rays (e.g. Gammie 1996), X-rays (e.g. Igea & Glassgold 1999; Chiang
& Murray-Clay 2007) and radionuclides (e.g. Finocchi & Gail 1997; Sano et al.
2000; Umebayashi & Nakano 2009). Umebayashi & Nakano (2009) noted a siz-
able increase (r.y ~ 17 AU to ~ 30 AU - the orbit of Neptune) after updating the
basic vertically-incident cosmic-ray attenuation expression to one which assumed
isotropic incidence (see Section 3.2).

Inclusion of heavy metals such as Na, K and Mg, which thermally ionize un-
der inner PPD conditions (7 > 10° K), is also thought to contract the dead zone
(Fromang et al. 2002b; Ilgner & Nelson 2006b). Ilgner & Nelson (2006b) showed
that although heavy metal ions such as Mg* are relatively slower in sweeping-up
free electrons than molecular ions, if implemented with a high enough abundance
(~ 1071 — 107?), turbulent diffusion can have a notable effect in reducing the size
of the dead zone, or remove it altogether. A 1+1D mixing model in Semenov et al.
(2004) showed that the HCN/HNC emission line ratio may be a suitable tracer of
such disk diffusion.

The lack of MHD turbulence in dead zones may have important ramifications
for the formation of planets, since these modelled dead zones happen to exist around
the proposed planet-forming region of disks. Matsumura et al. (2007) discussed the
role in which dead zones have in halting the inward accretion of Jovian-sized plan-
ets. Unlike turbulent regions where chemistry is kept to an ionic, atomic and basic
molecular level, dead zones likely consist of a complex hydrocarbon chemistry,
where the formation of more delicate organics and pre-biotics is a distinct possibil-
ity. But many authors have also highlighted the potentially episodic nature of MRI
activation over time. Sano et al. (2000) and Zhu et al. (2009) argued that as dust

sinks towards the midplane and coagulation proceeds over time into planetesimals,
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the disk becomes less dense, which may allow for deeper radiative penetration, and
subsequent MRI activation in previous dead zone regions at a later stage of evo-
lution. This may account for the observed stellar luminosity enhancements in FU
Orionis, attributed to changes in standard accretion rates from 107" Mg, yr~! to 10~
M,, yr~! over a space of 100 yr or so (e.g. Hartmann & Kenyon 1996).

The exact mechanisms which affect MRI are debated, and consist of calculations
simulating ohmic dissipation, Hall diffusion and ambipolar diffusion. Whilst some
studies (Turner et al. 2007; Bai & Goodman 2009) have investigated purely the role
of ohmic dissipation in MRI, where magnetic energy is dissipated due to the nor-
malization of electrons and ions in a plasma to the speed of sound, c;, other works
(e.g. Chiang & Murray-Clay 2007; Perez-Becker & Chiang 2011) have emphasized
the effects of ambipolar diffusion in suppressing MRI and MHD turbulence, due
to the sheer ubiquitous presence of neutral H, in disks. For this reason they argue
that they should be incorporated into calculations of MRI activity in modelled disks
(e.g. Walsh et al. 2012). Ambipolar diffusion is an energy-expelling process where
drifting neutral gas (i.e. H,) is collisionally coupled to the sea of ions in the plasma
which itself is bound to the magnetic field, hence the neutral gas and magnetic field
are indirectly coupled. The extent of neutral coupling to ions in the plasma, i.e. the
extent to which H, can accrete by MRI, is commonly described by a dimensionless
ambipolar diffusion parameter, Am:

_ x(e)nu,Bin
=—0q

where B ~ 1.9 x 10~ cm?® s7! is the average rate coefficient for ion-neutral colli-

Am (1.8)

sions, Q is the Keplerian angular velocity and ny, the number density of neutral gas
assumed to consist mostly of H,. For the neutral medium to be considered unstable,
H, must collide with enough ions “within the e-folding time of the instability, 1/Q”
(Chiang & Murray-Clay 2007); that is, where Am exceeds a critical value, Am“",
of 100 (Hawley & Stone 1998; Sano & Stone 2002). More recent works (e.g. Bai

2011) have revised Am“" ~ 1, based on a strong coupling limit satisfied in PPDs
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where ion resistivity is low and ion-electron recombination times are lower than the
orbital period, 27/Q). Walsh et al. (2012) recently compared ohmic dissipation and
ambipolar diffusion effects in their model and found that ambipolar dissipation fur-
ther suppressed MRI in disk regions of lower density, which corresponded to a dead
zone enlargement in the outward radial direction. They also compared the older
Hawley & Stone (1998) Am = Rey; = 100 criterion with Am“* = 1 and established
that the suppression of MRI is reduced from affecting most of their disk to just af-
fecting the midplane. In both cases, they found that UV and X-ray photochemistry
had little effect on Am and Rey; values at the midplane.

Since MRI turbulence, disk ionization and dust settling are coupled, modelling
MHD turbulence in a self-consistent manner as a function of time has so far proved a
arduous computational task. Simulations of 141D turbulent diffusion in disks have
been made (e.g. Ilgner et al. 2004; Semenov et al. 2004; Iigner & Nelson 2006b;
Semenov & Wiebe 2011; Heinzeller et al. 2011; Walsh et al. 2012) and localized
3-D shearing boxes (e.g. Hawley & Stone 1998; Turner et al. 2007; Turner & Sano
2008; Zhu et al. 2009) have also been attempted. So far, no full dynamical simu-
lation of an entire disk has been achieved which couples dynamics, radiation and
chemistry. From a chemical perspective, reaction networks have been restricted to
basic schemes which assume only a few ions and grains with ionization and recom-
bination reactions. Grains have been assumed to be negatively charged such that
cations directly recombine or dissociatively recombine on grain surfaces, which is
valid where the number density exceeds 10'> cm™, which is generally true for the
inner r < 20 AU disk midplane in most models. Simulations incorporating a greater
variety of charged grain compositions (PAH’s) and anionic molecules (e.g. CN™)
should be considered as future work since they may affect the recombination rates
in different areas of the disk. As of now, no MHD simulation utilizing a more com-
plex chemical network has been implemented, and it is hoped to be achieved in the

future.
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Figure 1.4: The common two-tier ionization scheme of inner PPDs. In the upper
disk, X-rays and cosmic-rays ionize gas above a critical ionization level (> 107'?) to
produce a plasma soup of ions and electrons coupled to the magnetic field. MRI is
thought to generate MHD turbulence, which transports angular momentum outward
and allows for stellar accretion inward. At the same time, H, becomes collisionally
coupled to ions in the plasma (ambipolar diffusion) which may suppress MRI. X-ray
and cosmic rays are increasingly attenuated towards the midplane to a depth where
the ionization fraction drops below the critical value needed to maintain MRI. This
region is known as the dead zone. Many factors may affect its size or presence alto-
gether as the disk evolves, such as grain settling and coagulation, thermal ionization

of heavy metals, turbulent mixing and radionuclide ionization.
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CHAPTER 2

Model

2.1 Preamble

Spectral observations of dark clouds and pre-stellar cores set the initial constraints
of chemistry present in PPDs, and the physical and chemical modelling of PPDs
then helps piece together the dynamical processes and chemical evolution which
occur over time. Chemical models incorporate a database of known chemical reac-
tions which consist of interaction information. These are based on rate-coefficients,
deduced either from theory, laboratory experiments or from observational data. This
chapter outlines the physical and chemical model of a PPD used to calculate the re-
sults in chapter 3 and 4 of this thesis, and explains the basic physical processes

which are incorporated.
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2.2 Introduction

Astrochemical modelling of interstellar clouds began over 60 years ago (e.g. Bates
& Spitzer 1951), based then on a few basic ion-neutral reactions in the gas-phase,
cosmic-ray ionization (Herbst & Klemperer 1973) and grain-surface chemistry (e.g.
Hollenbach & Salpeter 1971), simply because models were constrained by a lack
of computing power and knowledge of reaction-rates. PPD modelling has been a
rather recent innovation; starting around 30 years ago (e.g. Lewis et al. 1979) before
really taking off some 10 — 15 years ago, when computers became powerful enough

to handle the vast quantity of calculations required.

2.2.1 PPD model comparisons

Table 2.1 lists some of these recent PPD models, along with their physical and
chemical characteristics applied for specific investigations, which are discussed in

the relevant papers. The columns in Table 2.1 are defined as thus:

e Physics (P): the physical disk description; Semi-Analytical (S); Bell et al.
(1997)(B); MMSN (Hayashi 1981)(H); Steady Accretion Disk (Lynden-Bell
& Pringle 1974)(A); D’ Alessio (1998; 1999; 2001)(D); Chiang & Goldreich
(1997; 1999)(C); Nomura (2002)(N); Dullemond & Dominik (2004)(DD);
Nomura & Millar (2005)(NM)

e Chemistry (Ch): Prasad & Huntress (1980)(PH); Mitchell (1984) & Baulch
et al. (1992)(MB); Grain-surface reactions, excluding gas-grain interaction
i.e. H, formation or ion recombination (S); UMIST database (Millar et al
1997; Le Teuff et al. 2000; Woodall et al. 2006)(U); Ohio State database
(Terzieva & Herbst 1998; Smith et al. 2004)(O); Deuterium fractionation
reactions (D); NIST chemical kinetics database (N); Cernicharo (2004)(C);
Jansen et al. (1995)(J); Various (V)
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Dimension (D): 1-D mid-plane model (1); 1+1D vertical (2)

Ionization (I): Cosmic-ray (C); UV (U); X-ray (X); Lyman-« (L); Radionu-

clide ionization (R)
Gas-grain interaction (G): Freeze-out and thermal/non-thermal desorption
Dust destruction (D): Yes (Y) or No (N)

Observables (Ob): Column density (CD); D/H ratios (D:H); Line profiles

from calculations (L)

Coupling between dynamics and chemistry (Cp): Yes (Y) or No (N).
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Table 2.1:

A list of recent PPD models for comparison (updated from Markwick & Charnley 2004). The columns are defined as thus:

Column title, Author(s) and column notations as discussed in Section 2.2.1.

Model P Ch D 1 G D Ob Cp

Aikawa et al. (1996) H PH 1 u.C Y N CD N
Bauer et al. (1997) S MB 1 - N Y No N
Finocchi & Gail (1997) S MB 1 CR N Y No N
Willacy et al. (1998) B U.sS 1 CR Y N No N
Aikawa & Herbst (1999a) H (6] 2 X.C,U Y N CD N
Aikawa & Herbst (1999b) A 0D 1 C Y N D:H N
Aikawa et al. (1999) A U 1 C Y N No N
Willacy & Langer (2000) C UusS 2 UCR Y N CD N
Aikawa & Herbst (2001) H oD 2 X,C,U Y N CD,D:H N
Aikawa et al. (2002) D (¢} 2 uc Y N CD,L N
Markwick et al. (2002) B U 2 XCUR Y N CD N
van Zadelhoff et al. (2003) D (6] 2 ucC Y N L N
Millar et al. (2003) N U 2 U,CR Y N CD N
Ilgner et al. (2003) B U 2 UCR Y N No Y
Ilgner et al. (2004) A 6] 2 - Y Y No N
Jonkheid et al. (2004) D J,U 2 C,U Y Y L N
Semenov et al. (2004) D U 2 CUXR Y N CD N
Semenov et al. (2005) DD U 2 C,UR N N CD.,L N
Semenov et al. (2006) D U 2 CUXR Y N CD N
Tlgner & Nelson (2006a; b; ¢) A \% 2 X Y N - N
Woods & Willacy (2007) D U 2 CUXR Y N CD N
Agundez et al. (2008) D UN,C 2 C,UX Y Y CD,L N
Semenov et al. (2008) D U 2 C,UX Y Y L N
Willacy & Woods (2009) D UD 2 CUXR Y N CD,D:H N
Nomura et al. (2009) NM U 2 C,UX Y N CD,L N
Umebayashi & Nakano (2009) H S 2 CUXR Y N CD N
Walsh et al. (2010) NM UsS 2 CUXR Y N CD N
Semenov et al. (2010) D (O 2 C,u Y N - N
Heinzeller et al. (2011) NM U,S 2 C,UX Y N CD,L N
Semenov et al. (2011) D 0SS 2 CUXR Y N CD N
Fogel et al. (2011) D 0.8 2 CULX Y N CD,L N
Walsh et al. (2012) NM U,S 2 CULX Y N CDh,L N
This work N U.,S 2 C,UR Y N CDDHL N
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2.2.2 Coupled and uncoupled PPD models

PPD models which calculate chemistry as a function of time consist firstly of an
underlying physical grid which describes the physical and dynamical structure of
a PPD in terms of fundamental parameters such as density, temperature and pho-
toionization rate, which are calculated iteratively, or self-consistently, by one or
two-dimensional radiative transfer equations. Secondly, they consist of a listed net-
work of chemical reactions in the form of binding energies and activation temper-
atures which enable reaction rate-coefficients to be calculated. Such models are
termed “uncoupled”, since both parts are treated separately, i.e. the local physi-
cal parameters are calculated first, and input into the rate-coefficient calculations
of the chemical model. Since the understanding (from an observational point of
view) is that PPDs are complex interactions between chemistry, dynamics and ra-
diation, models should ultimately “couple” all three simultaneously. Sadly, with
exception of small-scale coupled “slab” simulations (e.g. Turner et al. 2007), no
such coupled simulation of an entire PPD has yet been achieved, due in part to the
enormous computational power required to simulate the more realistic 3-D behav-
ior, and the limited theoretical understanding of this coupling in different regions of
PPDs (termed the “triangle of pain”; see Markwick & Charnley 2004).

There are, however, two major advantages of uncoupled models. The first is that
both physical and chemical parts can be made as independently complex as possible
(Markwick et al. 2002), and secondly, simulations complete in a faster time than a
coupled one. The model used in the investigations of this thesis is uncoupled. In
the proceeding section (Section 2.3), the physical part is discussed in detail, and is
placed in context with other models in Table 2.1 which use other surface density
prescriptions. The chemical part then discussed the following section (Section 2.4).
The physical structure of two stellar accretion rates, 10~ Mg yr~! and 107 M, yr~!
are considered. This is discussed in Section 2.3.5. As a benchmark, Appendix A

compares some chemical results from the combined model used here with a previ-
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ous investigation which utilized the same physical model from Nomura (2002).

2.3 Physical model

For both of these stellar accretion rate prescriptions, the physical structure resem-
bles an axisymmetric disk surrounding a typical central T Tauri star, with parame-
ters M. = 0.5 M, radius R, = 2 R, and T'. = 4000 K. This section is split into four
further subsections. In the first subsection (2.3.1), the spatial grid distribution for
the modelled PPD is discussed. In subsection 2.3.2, the two heating processes are
explained, and an expression for their heating rates with respect to temperature is
established. In subsection 2.3.3, the vertical structure of the disk is outlined, from
the assumption of hydrostatic equilibrium. In subsection 2.3.4, radiative equilib-
rium is assumed and the resulting two-dimensional radiative transfer equations are
set-up and defined, and in subsection 2.3.5, the resulting density and temperature
distributions calculated from the equations in 2.3.3 and 2.3 .4 are discussed. Finally
in 2.3.6, the method of accretion adopted in this model is explained, along with
an approximation for the accretion velocity and time period of calculation at each

radial grid point.

2.3.1 Grid space

Both the spatial and physical structure, provided by Andrew Markwick (private
communication) is taken from the model derived in Nomura (2002) and Millar et al.
(2003), consisting of a 1 + 1 (radial and vertical) dimensional grid of ~ 7500 points,
which models the inward flow of accretion by essentially following the chemical
composition of a gas parcel from the outer to inner region. Although the entire
grid available for simulation is between 0.01 and 100 AU, the model starts from a
maximum radius of » = 25 AU and ends at 1 AU. This was decided since firstly

the temperature at the midplane beyond a distance of 25 AU rises due to the nature
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of the radiative calculation used, i.e. reprocessed radiative heating begins to have
a more significant effect than viscous dissipation at heating the disk (see Section
2.3.3 and Millar et al. 2003). Simulating the disk from beyond r = 25 AU therefore
results in profile abnormalities of gas-grain abundances at the midplane. Secondly,
modelling between r = 1 and 0.01 AU is excluded since both dust destruction and
three-body gas-phase reactions have been shown to be important in these regions,
which this model does not simulate for the purposes of computational speed. Nev-
ertheless, this model simulates the important areas of interest with regards to this
thesis since the aim of the investigations in Chapters 3 and 4 is to aid the understand-
ing of chemical evolution in potentially habitable planet-forming regions, which are
thought to lie between the radii of 1 and 10 AU for stars like our own.

Figure 2.1 is a schematic illustration of the grid structure used. The number of
vertical grid points, N,, increases with radius to map out the prescribed flaring of
the disk as has been observed from various SEDs (see Chiang & Goldreich 1997).
For simplicity, vertical-mixing is ignored and only radial accretion is assumed since
most of the disk mass resides at the midplane (a thin-disk approximation; see II-
gner et al. 2004). This translates to the vertical grid point step—size, Az, remaining
constant at each radius, which differs from the more common cases of scale-height—
based Lagrangian accretion simulations discussed in Ilgner et al. (2004), and used
in recent models such as Nomura et al. (2009), Willacy & Woods (2009) and Walsh
et al. (2010, 2012). In these cases, Az reduces with decreasing radius such that N,
remains constant. The advantage there is that one is able to analyze the vertical
chemical distribution in more detail at low disk radii compared to the thin-disk ap-
proximation, but has the disadvantage of requiring greater computational power and
time. The simulations undertaken in this work strike a sufficient balance between

detail and computational speed.
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Figure 2.1: Schematic depicting the grid distribution (not to scale). The radial grid

point step size, Ar, between a point (r,, z,) and (7,11, Z,+1) increases with radius
and is identical for all heights at a given value. The same is true for the vertical
grid point step size, Az. The arrows indicate the direction of simulated accretion
along lines of constant z since there is no vertical component of the accretion flow.

A simulation begins at r = 25 AU and finishes at r = 1 AU.

2.3.2 Heating processes

Two sources of heating are considered; viscous dissipation from the midplane, and
stellar radiation from the T Tauri star. Each is discussed in turn. X-ray heating is

not considered in this model or thesis.

2.3.2.1 Viscous dissipation

In chapter 1, the idea of turbulence as an intrinsic process in the disk, and its justi-

fication for allowing stellar accretion was summarized. Turbulence in MRI regions
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is thought to generate intrinsic heat known as viscous dissipation, which warms
the surrounding medium. The turbulence modelled here, as in Nomura (2002), is
quantified according to the a-viscous model, first discussed in Shakura & Sunyaev

(1973). The resulting heating rate due to viscous dissipation, Qy;s, is:
9 2
Ovis = ZZCYCSQ, 2.1)

where X is the gas surface density at a particular disk radius r (see Section 2.3.3),
a is the viscosity parameter set to 0.01 for both 1077 Mg, yr! and 1078 Mg yr™!
prescriptions, ¢ is the sound speed at the midplane and € is the rotational frequency.
Heat from viscous dissipation is modelled to emanate vertically from the midplane,
where densities are highest. The explicit derivation of Qs as a function of these

parameters is shown in Appendix B.

2.3.2.2 Stellar radiation

The second source is radiative heating from the hypothetical stellar source atr = z =
0 AU. Gravitational energy is released as radiation from the hypothetical stellar sur-
face as the star contracts. Assuming the source is a black—body, the corresponding

thermal heating rate is given by:
Ostar = O-T:’ (2.2)

where o is the Stefan—Boltzmann constant, and the stellar temperature 7', = 4000 K
as defined previously. Equations (2.1) and (2.2) together quantitatively describe the

total heating rate, Qy,, Which is used to calculate the temperature distribution:
9 2 4
Qtot = Qvis + Qstar = ZZQCSQ + O-T* . (23)

The resulting energy and heating transport mechanism is purely radiative. Convec-
tive transport is not considered since this model excludes vertical mixing (Nomura

2002).
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2.3.3 Vertical structure

To calculate the vertical structure of the disk, hydrostatic equilibrium is assumed in

the vertical direction, given by the equation:

dP  ,dp
— =L =)o, 24
dz “s dz P8 24

where P and p are the pressure and density respectively, and g, is the acceleration
due to gravity in the vertical direction, itself calculated from an expression incorpo-

rating the Kepler angular velocity, Q(r):

3/2
GM*) z (2.5)

g = Q072 = (2

The height of the disk at each radius is constrained by the minimum limit of the gas
density integral in the z—direction, which is set to where the gas density reduces to
3.8 X 10722 g cm™2, the typical molecular cloud gas density (Nomura 2002).

For a given radius r, the gas column density, y(z), is given by the integral of all
gas densities at each vertical grid-point up to a height z in the vertical column:

Xx(@) = f p(2) dz. (2.6)

Z

The gas surface density, Z(r), as in Nomura (2002) is defined as the gas column

density from the midplane up to the disk surface, z..:

> = fo P dz, @.7)

(noting that in other models, surface density is usually calculated from +z, to -z,
in which case Equation (2.1) would contain a constant of % instead of 49'1' This can
be rectified by multiplying the surface density by 2 since the disk is considered
axisymmetric). In this model, the gas surface density distribution at each radial grid
point is established by firstly equating the gravitational energy of accreting mass to

the heating process from viscous dissipation (i.e. conservation of energy):

M.M R.\'?
5L_P()]:§@Q 28)

&3 r
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Figure 2.2: Surface density profiles for both 10~ Mg, yr! and 107® Mg yr™! mod-
elled disks.

where M is the stellar accretion rate and G is the gravitational constant (Millar et al.
2003), and secondly rearranging in terms of X:
y 1/2
Y= é;:;z—zg;[) [1 - (%) / ] gem ™2, 2.9)
This is derived in Appendix B. Figure 2.2 shows the resulting surface density distri-
butions for two stellar accretion rates considered, between the radii of 1 and 10 AU
(it must be noted that the author of Nomura (2002) incorrectly stated that their sur-
face density distribution was based on the MMSN, when in reality Equation (2.9)
was followed as correctly interpreted in Millar et al. (2003) (H. Nomura; private
communication)).
The surface density distributions of this model are lower than other models

which consider either 1077 Mg, yr™! or 1078 My, yr~'. Models that incorporate the
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D’Alessio, Lynden-Bell & Pringle and Nomura & Millar physical prescriptions in
Table 2.1 (labelled “D”, “A” and “NM” in the Physics column) follow the same dis-
tribution as in Equation (2.9), and in most cases a 1078 My, yr~! disk. At a radius

of 1 AU, these models achieve a surface density of ~ 100 g cm™>

as opposed to
just 17 g cm™2 in this model, and at 10 AU their values are ~ 30 g cm™2, larger
than ~ 8 g cm~2 here. Those that follow the Minimum-Mass Solar Nebula prescrip-
tion (MMSN) (labelled “H” in Physics column and discussed in Sections 3.2.1 and

2 at

3.5.2.5 of this thesis) achieve even higher surface density values ~ 1700 g cm™
aradius of 1 AU (see Fig. 7 in D’ Alessio et al. 1998 for a comparison between the
MMSN and Equation (2.9) prescription) in both 1077 My, yr~! and 1078 M, yr™!
models. A comparison between the MMSN model and the 1077 Mg, yr~! disk is

revisited in Chapter 3.

2.3.4 Radiative equilibrium and transfer

This model considers stellar UV radiation as the main external heating source. The
extent of photon propagation through the disk is determined by the opacity values of
the modelled gas and dust distribution. Some models (e.g. Willacy & Woods 2009)
assume that the gas and dust are completely decoupled in their thermal nature (i.e.
by following different temperature distributions). The model here assumes that they
have the same temperature distribution over the entire disk (i.e. Tys = Taus). For
simplicity, dust grains in both stellar accretion rate prescriptions are fixed at a di-
ameter of 0.4 x 107® m, or 0.4 microns, with a gas—to—dust ratio of 0.01. Dust is
assumed to evaporate into its constituent chemical components such as C, H,O and
Si, specifically in the 7" > 2300 K regions of this model (Nomura 2002). But since
these temperatures are only reached once inside the minimum 1 AU radius (r ~ 0.1
AU) dust is inferred to coexist and be well-mixed with the gas.

Both the gas and dust absorption properties in the model are quantitatively de-

fined by the monochromatic dust absorption opacity, , (see Eqs. 15a—19 in Adams
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& Shu 1985), and

1 0B,
I fo w ar 4V
K_ = W, (2-10)
R b 77 dv

for the gas opacity, equal to the Rosseland mean opacity, «g, which, in terms of gas

density p and temperature 7" as determined in Bell & Lin (1994) becomes:
kr = kP T?, (2.11)

where «;, a and b are values associated with the eight known second-order states of
gas (see Nomura 2002). Radiative scattering is omitted for simplicity.

The two heating rates defined in Section 2.3.2 are functions of respective “source”
temperatures, which are used to determine the temperature and density distributions
of the model. The stellar temperature, 7, is fixed at 4000 K. But since the source of
viscous heating is located at the disk midplane, the sound speed and corresponding
viscous temperature, 7, are functions of disk radius. Radiative equilibrium, where
all emitted and absorbed radiation is balanced, is assumed at all points in the disk.

The equation is given by:
¥/ f &, B, (T(r,®)dy = f k,J,(r, ©)dv, (2.12)
0 0

where v is the photon frequency, B, is the Planck function, and J, is a result of

integrating the total mean specific intensity, 7, over all solid angles:

1 21 1
Jr.®) = fo f 00,1, ). (2.13)

The various angular definitions are given in Section 2.3 of Nomura (2002) and
Appendix C of this thesis. [, (and therefore J,) is then calculated via the two-
dimensional radiative transfer equation. If one assumes a path length, s, for a ray

propagating from a radiative source to a point in the disk, then:

dl,
= pKv(Sv - Iv)’ (214)
ds
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where S, is the specific source function. /, is itself calculated from the sum of three

specific intensity components:
L =0 +I"%+1" (2.15)

where I* and I’ represent, respectively, the specific intensity of radiation from the
stellar source, and the viscous dissipation process at the midplane of the disk. The
third term represents the specific intensity of thermal dust grain emission (Nomura
2002). The reader is referred to Section 2.3 of Nomura (2002) and Appendix C
for the equations of each component in terms of source temperature, , and B, by
utilizing a spherical coordinate system adopted to describe the radiation field. The
resulting calculations of the density and temperature distributions are solved self-
consistently with Equation (2.12) for the disk, and is explained in Appendix Al of
Nomura (2002). Briefly, I, is calculated at each grid point by means of a derived
“short-characteristics” solving method involving Equation (2.14) (see Dullemond
& Turolla 2000, and Appendix A2 in Nomura 2002). The temperature at each
grid point is then estimated via the Newton-Raphson iteration method. Finally the
density distribution is calculated by inserting the iterated temperature values. The
resulting density and temperature distributions are discussed in the following sec-

tion.

2.3.5 Density and temperature distribution

Figure 2.3 shows the density and temperature distributions of both 1077 M, yr™!

and 107 M, yr~! disks from a number of perspectives. The 1077 M, yr~! disk
is generally warmer, more dense and optically thick than the 1078 My yr~! disk.
The 1077 M,, yr~! disk is more flared since its outer surface region is more intensely
irradiated from the denser inner region (Nomura 2002). Temperatures for both disks
range from as low as ~ 10 K for » > 5 AU at the midplane, to ~ 1100 K and 560 K at

the 1077 Mg yr~! and 10™® M, yr~! disk surface respectively, due to direct irradiation
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Figure 2.3: Number density in cm™ (left column) and gas temperature in K (right
column) as functions of disk radius and height, for models assuming a mass accre-
tion rate of 107" My, yr~! (1st row) and 108 Mg, yr~! (2nd row). The third row shows
1077 Mg, yr™! /1078 Mg yr™! number density sensitivity with logarithmic scale (left)
and temperature sensitivity with linear factor scale (right). The bottom row shows
number density (left) and temperature (right) isoheight profiles at the midplane (z =
0 AU), 2 AU and 4 AU. 65
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from the central star (Millar et al. 2003). Viscous heating is more significant in the
r~1-2AU 1077 M, yr ! midplane region, reaching 663 K; in contrast to 180 K
in the 107 Mg, yr! disk.

2.3.6 Accretion time

Chapter 1 highlighted the importance of accretion in PPDs and overviewed turbu-
lence from MRI as a viable mode of angular momentum transport which paves the
way for accretion to occur. A derivation of the stellar mass accretion rate, M, as a
function of parameters such as the surface density, X, and the viscosity parameter,
a, for a gas parcel migrating radially inward in “steady” modelled protoplanetary
disk (in hydrostatic equilibrium) such as this one, is shown in Appendix B. Briefly,

the expression as derived in Pringle (1981) is given by:
M=21R.X.vg Myyr', (2.16)

where R is the disk radius and vy is the accretion velocity at a radius R, usually

expressed in units of cm s

. Note that vy is a negative value by definition, but this
is omitted here for simplicity. Assuming that the accretion rate at each radial grid
point is consistent with the stellar accretion rate, then the accretion time, 7g, taken
for a gas parcel to migrate from an outer disk radius R with surface density X, to an

inner disk radius R’ can be approximated by:

AR  27nRARZ(R)
Tr(R) ~ I
R

I, (2.17)
where AR = R - R’. Values of 7 are then calculated for all 57 radial grid points
between 1 and 25 AU, for both 10~ My, yr™! and 107 Mg, yr! modelled disks. A
total timescale is calculated by summing over all individual accretion times for all
radial grid points. A parcel beginning at a radius of 25 AU (the starting point), will
be accreted to 1 AU in 1.78 x 10° years for the 1077 Mg yr! disk, and 1.81 x 10°

years for the 107 M, yr~! disk. Since the focus in this thesis is between 10 and 1
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Figure 2.4: Parcel accretion time profiles as calculated from Equation (2.2) for both

1077 Mg yr~! and 1078 Mg, yr~! modelled disks.

AU (i.e. 34 radial grid points), the durations are 4.24 x 10* years and 5.28 x 10*
years respectively. This is equivalent to an average accretion velocity, v,,, of 64
cm s~! in the 1077 M, yr! disk and 63 cm s~! in the 1078 M, yr~! disk. Willacy
& Woods (2009) and Nomura et al. (2009) both estimate v,, ~ 40 cm s~! in their
108 My, yr! @ = 0.01 disk models; some ~ % slower, due to their larger surface
density distributions. Figure 2.4 depicts the accretion time profiles, whilst Table 2.2
presents the accretion times at each radial grid point, between the radii of 1 and 10

AU, as calculated from Equation (2.17).
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Table 2.2: Time duration values for a gas parcel at each radial grid point between 1

and 10 AU, for both stellar accretion rate prescriptions.

Radial grid point ~ Radius (AU) 1077 Mg yr! 1078 Mg yr!
Time (yr)  No.vert grid points | Time (yr)  No.vert grid points

1 1.00 1.16(02) 54 1.81(02) 49
2 1.07 1.44(02) 56 1.80(02) 50
3 1.15 1.60(02) 57 2.60(02) 52
4 1.23 1.30(02) 58 2.00(02) 53
5 1.32 1.30(02) 59 2.90(02) 54
6 1.42 2.00(02) 61 2.90(02) 55
7 1.52 1.70(02) 62 3.20(02) 57
8 1.63 2.30(02) 63 3.60(02) 58
9 1.75 2.90(02) 65 4.70(02) 59
10 1.87 2.90(02) 66 4.40(02) 60
11 2.01 3.20(02) 67 5.50(02) 62
12 2.15 3.50(02) 68 5.70(02) 63
13 2.31 4.70(02) 70 6.70(02) 64
14 248 5.30(02) 71 6.50(02) 65
15 2.66 4.50(02) 72 9.90(02) 67
16 2.85 7.80(02) 74 8.00(02) 68
17 3.05 6.50(02) 75 8.70(02) 69
18 327 8.10(02) 76 1.33(03) 70
19 3.51 1.00(03) 77 1.10(03) 71
20 3.76 9.30(02) 79 1.20(03) 73
21 4.04 1.24(03) 80 1.90(03) 74
22 433 1.20(03) 81 1.40(03) 75
23 4.64 1.50(03) 82 1.70(03) 76
24 498 1.30(03) 84 2.10(03) 78
25 534 1.70(03) 85 2.20(03) 79
26 572 1.90(03) 86 2.40(03) 80
27 6.14 2.00(03) 87 2.60(03) 81
28 6.58 2.30(03) 89 2.40(03) 82
29 7.05 2.60(03) 90 3.70(03) 84
30 7.56 2.90(03) 91 3.40(03) 85
31 8.11 3.00(03) 93 3.70(03) 86
32 8.70 4.00(03) 94 4.20(03) 87
33 933 3.00(03) 95 4.50(03) 89
34 10.0 4.70(03) 96 4.90(03) 90
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24 Chemical model

A chemical network consists of one or more files containing lists of chemical re-
actions known to occur between a given species and others. Each listed reaction
has associated values (usually related to molecular binding energies or activation
temperatures) which are used to calculate the rate of the chemical reaction, known
as a rate coefficient, k, usually expressed in units of cm™ s™'. The larger the k
value associated with a given reaction, the more rapid the reaction. Chemical evo-
lution in protoplanetary disks is governed by a complex combination of reaction
types. Typical k values for reactions which are known to occur are shown in Ta-

ble 2.3. The chemical model adopted in this thesis consists firstly of a network of

Table 2.3: Typical gas-phase reaction types occurring in interstellar environ-

ments and protoplanetary disks. Radiative dissociation is also known as photo-

dissociation.
Reaction type Equation Typical k values (cm®s~!)
Neutral-neutral A+BC—AB+C 10717
Ion-neutral A*+BC—AB+C 10715
Charge exchange A*+BC—A+BC* 107°
Dissociative recombination ~ AB*+e"—A+B ~10713
Radiative dissociation AB+hy—A+B 10712
Radiative recombination A*+e —A+hy 10°18
Radiative association A+B—AB+hy 107"
Cosmic-ray ionization A+cr—At+e” 10777

gas-phase species and their reactions taken from the Rate95 version of the UMIST
database initially provided by Andrew Markwick (private communication). To this,
a deuterated network is added whose rate coefficients are taken from Roberts &
Millar (2000b) and Roberts et al. (2002b), also provided by Andrew Markwick (pri-

vate communication). Reactions include two-body neutral-neutral and ion-neutral
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reactions, UV and cosmic-ray photochemistry, and cosmic-ray particle ionization.
These are discussed in Section 2.4.1. Secondly, gas-grain interactions are included,
which involve the processes of thermal desorption of species into the gas-phase
from grains, adsorption freeze-out from the gas onto the grain, and dissociative re-
combination of atomic and molecular cations on grain-surfaces. This is discussed

in Section 2.4.2.

24.1 Gas-phase network

The gas-phase chemistry in this model is gathered from a reduced version of the
Rate95 network (Millar et al. 1997). This consists of a 3894 gas-phase reaction
coeflicients, involving 395 chemical species, comprised of 7 elements: H, He, C, N,
O, S and Fe. Fluorine (F), phosphorus (P), sodium (Na) and magnesium (Mg) are
all omitted to reduce computational time. The rate coefficients are calculated from
a subset of @, 8 and y coeflicients and these vary in value and definition depending

on the chemical reaction type.

24.1.1 Rate coefficient calculations

The reactions in the data file are written in the form:
R1,R2,P1,P2,P3,a,8,vy

where R1 and R2 are the reactants, and P1, P2 and P3 are the products. The fol-
lowing paragraph briefly describes the equations used to calculate the rate coeffi-
cients for: (i) two-body gas-phase reactions, (ii) cosmic ray particle ionization (R2
= CRP), (iii) cosmic ray-induced photoreactions (R2 = CRPHOT) and (iv) UV pho-
toreactions (R2 = PHOT), all considered in this chemical model:

(i) Two-body reactions between gas-phase species usually result in two products,

e.g.

H, + OH — H,0 + H,
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but some result in just one,
H*+e” — H,
or even three,
He* + OH — O* + H + He.

For two-body reactions (R1, R2 = species X, species Y),

TV Y 3.1
k—a(ﬁ) exp—(?) cm’s (2.18)

where « is the average binding or activation energy required for the reaction to
occur, T is the gas temperature, 8 is a power law value assigned to 7, and y the
probability that a given photon will influence the reaction taking place, usually per
cosmic ray ionization rate.

(ii) Cosmic ray ionization in the form of high—energy particles, e.g.
O+CRP—O"+e,

k=a s, (2.19)

where « is the cosmic ray ionization rate, set to the canonical value of 1.3 x 107"

s~! with respect to H,. (iii) Cosmic ray induced photoreactions, e.g.
C4H, + CRPHOT — C4H + H,

_ T Y Y -1
k—a(ﬁ) o ¢ (2.20)

where @, T and y have the same meanings, and w represents the dust-grain albedo,

set to equal 0.6 (e.g. Woodall et al. 2007). (iv) Photoreactions due to the interstellar
UV field, e.g.

CH, + PHOTON — CH + H,
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k=a'exp—(YA) s, (2.21)

where @’ is the ionization rate in the unshielded interstellar UV field, y’ a parameter
used to take into account the extinction of dust at UV wavelengths (Woodall et al.
2007) and A, is the extinction at visible wavelengths by interstellar dust, per total H
nuclei (~ 2n[H;]) at a given grid point, calculated from:

T

Av = W mag, (2 22)

where 7 is the optical depth.

2.4.1.2 Deuterated species

Deuterated species, which consist of heavier forms of hydrogen by housing a proton
and neutron in the nucleus, have been known to exist in the interstellar medium for
quite some time. They act as interesting tracers in the ISM since molecular g abun-
dance ratios are found to be higher (e.g. ~ 1072 in TMC-1) than the cosmic, atomic
% ratio, ~ 1.5 X 107>, due in principle to zero-point energy differences between the
forward and reverse reactions of the following cations with HD, in low 7" ~ 10 —

100 K environments:

H;* + HD < H,D* + H,,
CH;* + HD < CH,D"* + H,,
C2H2+ + HD «— C2HD+ + H,.

This is discussed in Roberts & Millar (2000a), Roberts & Millar (2000b) and Roberts
et al. (2002b). The rate coeflicients used in this model are taken from Roberts &
Millar (2000b) (e.g. Table 1, p2). The rate coefficient for forward reactions is given
by:

k= (T)ﬁ 31 (2.23)
=« 300 cm’s”, .
whereas for reverse reactions:
T B
k = a(ﬁ) exp (—%) cm’s™, (2.24)
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where all terms have the same definitions as those in the gas-phase rate coeflicient
equation (Equation 2.18) in Section 2.4.1.1. This model incorporates around 7000
reactions involving deuterated species, including these three forward and reverse

reactions.

24.2 Gas-grain interaction

In cold (T ~ 10 K) and dense (n ~ 10'> cm™) environments, species in the gas-phase
can freeze onto the surfaces of larger-sized dust grains. Grains can act as mediators
for transporting complex chemistry from outer to inner PPD regions which would
otherwise be destroyed in gas-phase chemical reactions. At the same time, they also
act as catalysts for dissociative surface recombination of cations, and enable surface
reactions such as chemisorption and physisorption to occur. The exact composition
of dust grains is debated; popular candidates are silicates such as olivine, graphite
and amorphous carbon (e.g. Adams & Shu 1985).Two gas-grain interaction pro-
cesses are included in the chemical model, provided and implemented by Andrew

Markwick (private communication). The first is thermal desorption, i.e.
A-grain — A (gas).

where grains are heated to the point where the molecule escapes into the gas. The
extent of thermal desorption from grain surfaces is dependent on a species’ molec-
ular binding energy, Ep, usually given in units of K, the temperature of the environ-
ment, and the molecule’s mass. The thermal desorption (or evaporation) rate, keyap,
as in Watson (1976), Tielens & Hagen (1982) and Tielens & Allamandola (1987),

used in this model is given by:

_ED(T)) s (2.25)

kevap = Vo exp( T
grain
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where v, is the characteristic adsorbate vibrational frequency (s™!) established from

the harmonic oscillator expression given in Hasegawa et al. (1992):
2nEp\'?
- ( " D) sl (2.26)

where n; is the surface density of sites on grains (1.5 X 10~'°> cm™2), Ep, the adsorp-

tion binding energy for a given species in K, Topin the grain temperature (= Tga)
and m the species mass. Other methods of v, evaluation are discussed in Tielens &

Allamandola (1987).

The second considered process is adsorptive freeze-out, i.e.
A (gas) + grain — A-grain,
which also includes dissociative surface recombination for ions, i.e.
AB* (gas) — A-grain + B-grain.

Freeze-out is additionally dependent on the density and cross-sectional area of
grains. In this model it is assumed that grains are negatively charged, and there-
fore act as a sink for cations in the gas (e.g. Umebayashi & Nakano 1980, 1981;
Semenov et al. 2004; Walsh et al. 2012). The freeze-out rate, kreese, fOr a given
species X, as adopted from Umebayashi & Nakano (1980) and Willacy & Woods
(2009) is given by:

kfreeze = S XCX(7T612”g)VX s, (2.27)

where the sticking coeflicient, Sx, is set to equal 1.0 for all species (Hasegawa et al.
1992), a is the grain radius (0.2 um), n, is the number density of grains (= 1.0
X IO‘ZnHz), vx 1s the root mean square of the total thermal velocity of X in three
dimensions (~ (3kgT/m)'/?) and Cx is given by the expression:

16.71 x 1074
_l_ _—

Cx =1
X aTgrain

: (2.28)

as in Rawlings et al. (1992), which represents a additional factor for increasing

kfreeze » When cations (X*) dissociatively recombine on grains, since cations will be
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more attracted to them than neutrals (Umebayashi & Nakano 1980; Markwick et al.
2002; Willacy & Woods 2009). Cx is set to 1 for neutral species.

2.4.3 Initial abundances

Chemical models of PPDs require a input list of initial chemical abundances asso-
ciated with epochs prior to PPDs such as dark clouds or pre-stellar cores, in order
to calculate the chemical evolution. To most accurately reflect the pre-PPD evolu-
tionary state, the initial abundance chemistry used here (Tables 2.4 and 2.5) is taken
from a pre-stellar core model provided by Andrew Markwick (private communica-
tion) and discussed in Markwick-Kemper (2005), which has been simulated for 10°
years at a constant temperature of 10 K. As treated in Willacy & Woods (2009),
the binding energies for deuterated species (Table 2.5) are set to be 21 K more than
their hydrogenated equivalents, which is the zero-point energy difference (in terms
of temperature) between hydrogen and deuterium atoms. The full chemical listing
of the reduced network is provided in Appendix D, alongside their initial abundance

values.

244 Model process

The resulting density, temperature and optical depth values are listed alongside their
radial and vertical grid points in files termed rhoTM-7.dat and rhoTM-8.dat, which
denote the 1077 M,, yr~! and 10=® M,, yr~! disks. To this, column density and surface
density values were determined separately, and added to these files by the author of
this thesis. For each grid point in turn, mediator codes extract physical parameters
from the data files, along with the input abundances, and the rate coefficients are
calculated. The resulting final chemical abundances are then calculated at each grid
point. This model uses the LSODE (Livermore Solver for Ordinary Differential

Equations) calculator (provided by Andrew Markwick; private communication) to
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Table 2 4: List of various initial abundances in our model relative to H,, taken from
the output of a dense-core model at 10 K (Markwick-Kemper 2005), and their ad-
sorption binding energies. Frozen species, on grain surfaces, are generally more
abundant than their gaseous equivalent, because of significant freezeout by the typ-
ical age of a dark cloud (10° yr). As the simulated gas parcel in the disk moves

inward where temperatures increase, species desorb from grain surfaces.

Species  Gas n(x)ny, Grainn(x)ny, Ep (K) Reference

H 2.5(-11) 9.2(-17) 350 1
H, 1 3.07(-06) 315 8
C 6.0(-12) 1.2(-16) 800 1
N 6.8(-11) 1.3(-15) 800 1
N, 9.3(-06) 1.3(-10) 790 2
0 2.1(-10) 3.9(-15) 800 1
0, 9.6(-12) 8.0(-16) 1210 1
S 1.4(-10) 7.8(-15) 1100 1
Fe 1.0(-08) 8.8(-08) 4200 1
HCO 1.7¢-11) 43(-15) 1510 1
HCO*  4.1(-15) 43(-15)* - 1
co 6.8(-05) 4.1(-08) 855 2
Co, 2.3(-07) 5.4(-09) 2990 3
OH 2.0(-13) 23(-17) 1259 4
CN 6.8(-14) 1.0(-15) 1510 1
HCN 1.7(-06) 1.1(-09) 1760 1
H,O0 2 4(-05) 2.4(-03) 4800 5
H,CO 1.9(-08) 1.2(-11) 1760 1
NH; 4.6(-09) 4.9(-10) 2790 5
CH, 1.4(-07) 6.97(-12) 1090 6
CH;OH  9.4(-10) 9.6(-09) 4930 5

*HCO" assumes its neutral form when frozen onto grain surfaces. References: (1) Tielens &
Allamandola 